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luminosities in starbursts, the lower H i fraction might not be
surprising. However, we might then have expected a higher fWIM

if the lower H i fraction were due to ionization by the starbursts.
Since this is not observed, we must consider other possibilities:
(1) An important ionization source of the WIM has been reduced,
for example, (1a) less ionizing radiation escaping from strongly
obscured starbursts, or (1b) less ionizing radiation available from
a reduced population of field OB stars. Alternatively, (2) some
fraction of ionizing radiation escapes from these galaxies, either
(2a) underionizing the WIM, or (2b) fully ionizing it in a density-
bounded situation.

While we have no data at present to evaluate possibility 1a, we
can examine possibility 1b by assuming simple global parame-
terizations for the behavior of massive stars in the field. Recent
work suggests that field O and B stars ionize about half of the
WIM in ordinary star-forming galaxies such as M33 (Hoopes &
Walterbos 2000) and the Small Magellanic Cloud (Oey et al.
2004). Observations suggest that ionizing radiation escaping from
ordinary H ii regions can account for the other half of WIM ion-

ization (Oey & Kennicutt 1997; Voges et al. 2005). However, in
galaxies with high absolute SFRs, the fraction of field OB stars is
expected to decrease as (Oey et al. 2004)

fBeld ¼
!
lnN";up þ 0:5772

"$1
; ð3Þ

where N";up is the number of OB stars in the richest cluster of
that galaxy. This assumes a simple power-law relation for the
clustering law of the form

N (N") dN" / N$2
" dN"; ð4Þ

where N" is the number of OB stars per cluster. This clustering
law appears to be universal (e.g., Elmegreen & Efremov 1997)
and is supported by observations of super star clusters (Meurer
et al. 1995; Zhang et al. 2001) and ordinary H ii regions (Oey &
Clarke 1998). It also appears to extend down to the individ-
ual massive stars in the field (Oey et al. 2004). Therefore, we do
expect the contribution of ionization from field stars to decrease
from about one-quarter of the total ionizing emission in ordi-
nary star-forming galaxies to about one-tenth in galaxies with
the highest SFR. Since our starburst galaxies, defined as those
with the highest SFI, maywell have extreme SFRs, a lower frac-
tion of field massive stars is plausible.

We test this possibility in Figure 12, which shows the H! dif-
fuse fraction versus total H! luminosity of the sample galaxies.
The symbols correspond to the star formation categories as be-
fore. Certainly there is no well-defined anticorrelation, as would
be expected if this scenario were the origin of that seen in Fig-
ure 11. Thus, possibility 1b above, that starbursts have lower
fWIM strictly because of a reduced population of ionizing field
OB stars, appears to be ruled out.

We now consider possibility 2a above, that ionizing radiation
escapes from the starbursts, underionizing the diffuse ISM. Clarke
& Oey (2002) calculated a crude parameterization for a threshold
in SFR above which galaxies are expected to release ionizing
photons and galactic superwinds:

SFRcrit ¼ 0:15

 
MISM;10ṽ210

fd

!
M' yr$1; ð5Þ

where MISM;10 is the ISM mass in units of 1010 M', ṽ10 is the
thermal velocity of the ISM in units of 10 km s$1, and fd is a

Fig. 10.—H! diffuse fraction vs. galaxyH i gas fraction asmeasured byMH i /LR.
Symbols for different star formation categories are as in Fig. 3, and galaxies that
have only upper limits onMH i are omitted for clarity. [See the electronic edition of
the Journal for a color version of this figure.]

Fig. 11.—H! diffuse fraction vs. H! surface brightness, a measure of
SFI. Symbols correspond to the H i gas fraction MH i /LR as shown, in units of
M' /L', and plus symbols indicate galaxies whose H i gas fractions are only
upper limits. Note that starburst galaxies are defined as those having
log!H!/(erg s$1 kpc$2) > 39:4. The curve has a form given by eq. (7).

Fig. 12.—WIM fraction vs. total SFR as measured by galaxy total H! lumi-
nosity. Symbols for different star formation categories are as in Fig. 3. [See the
electronic edition of the Journal for a color version of this figure.]
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fWIM strictly because of a reduced population of ionizing field
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Fig. 1: Fraction of the Hα luminosity in SINGS galaxies 
which is associated with the WIM (not H II regions) plotted 
as a function of total Hα luminosity (left) and surface Hα flux 
density (right). From Oey et al (2007).
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emission regions in the Local and Perseus arms (see Fig. 1).
Emission from the Local arm is near km s~1 andvLSR \ 0
has a more circular appearance reminiscent of a classical

sphere (see Fig. 2a). This faint H II region has aStro! mgren
relatively constant brightness of 5È6 R over most of its 13¡
diameter area. The most promising candidate for an ion-
izing source for this region is / Per, a B0.5e]sdO binary
system located at and pcl \ 131¡.3, b \ [11¡.3 220~32`43
away (Hipparcos ; ESA 1997 ; Gies et al. 1998). At that dis-
tance, the region is 50 pc in diameter. Some details of this
region can be found in Ha†ner (1999). A future study
(Ha†ner et al. 1999) examining the properties of B-star H II

regions in the WHAM Ha Sky Survey will expand on this
work. Emission from the Perseus arm in this direction at

is much more amorphous in shape[ 60 \ vLSR \ [40
(Fig. 3a).

At higher latitudes and at velocities farther from the LSR,
the Ha emission becomes quite Ðlamentary. Some of the
more notable structures include a faint bar in Figure 3a
running from l \ 150¡, b \ [33¡ to l \ 160¡, b \ [25¡ ;
several, nearly vertical Ðlaments near l \ 130¡, b \ [20¡ ;
and the shell-like region and associated dissecting Ðlament
(more visible at higher velocities ; see Ha†ner 1999) centered
on the box in Figure 3a. The last of these was previously
studied in detail by Ogden & Reynolds (1985) and Reynolds
et al. (1995).

3.2. Scale Height of the W IM
Since the Perseus arm gas is well separated in velocity

from the local emission, we can explore the decrease of this
emission as a function of the height above the Galactic
plane. To extract information about the scale height from
the intensity distribution, we Ðrst assume that the gas
density is primarily a function of z and has the form

n
e
(z) \ n

e
0 e~@ z @ @H cm~3 , (1)

where is the midplane density and H is the scale height ofn
e
0

the WIM. The Ha intensity is related to the gas density by
the equation

2.75T 40.9IHa \P
/n

e
2 dl , (2)

where / is the Ðlling fraction of the emitting gas, is theT4temperature of the gas in 104 K, and is in rayleighs. AsIHalong as the temperature, Ðlling factor, and path length
through the emitting gas, / dl \ L , are not functions of z, we
then have

IHa \ /(n
e
0)2L

2.75T 40.9 e~2 @ z @ @H \ IHa0 e~2 @ z @ @H , (3)

where is the intensity at the midplane. Finally, substitut-IHa0
ing z \ D tan o b o , where D is the distance to the arm and b
is the Galactic latitude of an observation, and taking the
natural log, we arrive at

ln IHa \ ln IHa0 [ 2D
H

tan o b o . (4)

Figure 4 plots this relationship for a selected region of the
map. Each point represents the median emission between
l \ 125¡ and 152¡ for each Galactic latitude. The median of
the emission in each latitude slice is used instead of an
average to reduce the e†ect of local emission enhancements

FIG. 4.ÈNatural logarithm of the median Ha intensity between
l \ 125¡ and 152¡ plotted vs. the tangent of Galactic latitude. Total

to ]100 km s~1), Local to ]100 km s~1), and(vLSR \ [100 (vLSR \ [25
Perseus arm to [25 km s~1) emission are denoted by(vLSR \ [100
squares, diamonds, and vertical bars, respectively. A linear best Ðt to the
Perseus arm emission above b \ [15¡ is displayed as a solid line. The
dotted line is a Ðt to the lower envelope of the data (see ° 3.2).

(e.g., faint H II regions). The limited longitude range is
chosen to avoid the gradual blending of the Perseus arm
component with the local gas as the longitude approaches
180¡. Three radial velocity intervals are presented in the
plot, reÑecting total to ]100 km s~1), Local(vLSR \ [100

to ]100 km s~1), and Perseus arm(vLSR \ [25 (vLSR \
to [25 km s~1) emission. The integration ranges are[100

expanded from the limited ranges in Figures 2 and 3 to
include the full emission proÐle in our calculations. The
error bars for the Perseus arm are an estimate of the physi-
cal scatter along a latitude slice calculated from the average
deviation about the median of emission within that slice.

Also displayed in Figure 4 is a linear Ðt to Perseus arm
points that are above b \ [15¡. Closer to the plane, H II

regions and extinction play a signiÐcant role, and these
points are excluded from the Ðt. The resulting Ðt parameters
are and 2D/H \ 4.91 ^ 0.39, leadingln IHa0 \ 1.73 ^ 0.19
to a midplane intensity for the WIM of 5.7 ^ 0.2 R and a
scale height of 1.0 ^ 0.1 kpc if the Perseus arm is at D \ 2.5
kpc (see Reynolds et al. 1995 and references therein). The
dotted line in Figure 4 presents a manual Ðt to the lower
envelope of the Perseus arm emission. The resulting param-
eters are essentially the same : H \ 1.0 kpc and R.IHa0 \ 4.2
The 1.0 kpc scale height appears to be valid for o z o from
750 pc to at least 1700 pc, the boundary of this studied
region.

As mentioned above, this estimate assumes that the Ðlling
fraction and temperature do not depend on o z o . If in fact /
changes as a function of height above the plane, it a†ects
our estimate of the electron scale height. As shown in ° 4,
these new observations suggest that the temperature in the
WIM rises with distance from the Galactic plane. Such an
e†ect would increase our estimate of the scale height.

Perseus	Arm	(Haffner	et	al	1999)

Fig. 7: Volume filling factor of the phases of the ISM as a function of height in simula-
tions. The simulations incorporate supernovae, parameterized photoelectric heating, and 
line cooling appropriate for the ISM near the Sun. From Hill et al (2012).

Fig. 5: Artists’ conception of the spiral structure 
of the Milky Way with the directions probed in the 
surveys of the Perseus Arm and Scutum-Centaurus 
Arm shown in Fig. 3. NASA/JPL-Caltech/R. Hurt (SSC/
Caltech).

Fig. 4: Hα intensity as a function of height in two 
spiral arms with the position of the arms on the 
artist’s conception of the Milky Way by R. Hurt. In the 
top panel, black symbols show the Hα intensity, while 
red symbols show the Hα intensity with an estimated 
extinction correction. Derived scale heights are listed 
in Table 1.

Fig. 6: [S II]/Hα line ratio in the Scutum-Centaurus Arm as a function of Hα in-
tensity (top) and Galactic latitude (bottom). The left panels show the observations. In 
the right panels, we have divided out the dependence on the other parameter. From Hill 
et al (2014).

Warm ionized medium
The warm ionized medium (WIM) traces energy transport in 
the diffuse ISM of star-forming galaxies. For non-starburst 
galaxies, the fraction of the Hα luminosity which is seen in 
the WIM is a remarkably consistent 59±19% (Oey et al 2007, 
reproduced  in  Figure  1),  suggesting  that  some  universal 
process creates the WIM. The WIM accounts for ≈90% of the 
H+ mass in the Milky Way. The energy requirement can only 
be met by photoionization from massive stars; the complex 
structure established in the ISM by supernova-driven turbu-
lence likely allows ionizing photons to propagate far enough 
to ionize the WIM (Wood et al 2010).

Observations
We present a variety of observations obtained with the Wis-
consin Hα Mapper (WHAM), which is described in the adja-
cent poster by Haffner et al. In Figure 2, we present WHAM 
observations of Hα and [S II] λ6716 from Hill et al (2014). In 
Figure 3, we present a map of the line ratio Hα/[S II].

Physical conditions
The combination of Hα emission and emission from forbid-
den emission lines like [N II] and [S II] constrains the tem-
perature  and ionization  state  of  the  WIM.  The  line  ratios 
[N II]/Hα and [S II]/Hα are both lower in classical H II re-
gions than in the WIM (Fig. 3); these line ratios are also gen-
erally lower at higher Hα intensities and closer to the mid-
plane (Fig. 6).

These observations are most-readily interpreted as a higher 
temperature (8000 K compared to 6000 K) and lower domi-
nant ionization state (O+ and S+ compared to O++and S++ are 
the dominant ions) in the WIM than in H II regions. These 
physical conditions require a radiation field that is very di-
lute,  with an ionization parameter U  ~ 10-3  – 10-4 ionizing 
photons  per  electron  (Mathis  1986).  A supplemental  non-
photoionization  heating  source  that  becomes  dominant  at 
low densities (< 0.1 cm-3) is also required to explain the ob-
servations (Reynolds et al 1999, Barnes et al 2014, and Fig. 8).

The cause of the different physical conditions is not obvious 
but is most likely related to differences in the ionizing radia-
tion field or the local gas density. We attempt to break this 
degeneracy by comparing measurements of [S II]/Hα  as a 
function of height and as a function of Hα intensity in Fig. 6. 
After dividing out the dependence on height, a dependence 
on Hα intensity remains. After dividing out the dependence 
on intensity,  no dependence on height  remains.  This  sug-
gests that local properties such as density affect the physical 
conditions  more  than  global  properties  such  as  distance 
from the plane or ionizing radiation field.

Vertical extent
The WIM is considerably thicker than the atomic gas layer, 
with a typical  exponential  scale height of  ~1 kpc.  Locally, 
pulsar  dispersion  measures  indicate  a  scale  height  of 
1.4±0.2  kpc (Gaensler  et  al  2008;  Savage  & Wakker  2009). 
Electron scale heights measured from Hα emission in spiral 
arms are generally lower, especially in the inner Galaxy; see 
Fig. 4 and Table 1.

The quantity D/Hn^2 is measured by fitting Hα intensity as a 
function  of  Galactic  latitude.  The  electron-density-squared 
scale  height  Hn^2  can then be measured with an assumed 
distance  to  the  arm.  If  the  volume filling  factor  does  not 
change  as  a  function  of  height,  the  electron  density  scale 
height Hn  =  2Hn^2. From Table 1, the implied scale heights 
assuming a uniform filling factor are ≈800 pc in the Perseus 
Arm outside the Solar circle, ≈600 pc in the Scutum-Centau-
rus Arm inside the Solar circle, and ≈200–300 pc in the inner 
Galaxy.The Astrophysical Journal, 787:106 (7pp), 2014 June 1 Hill et al.

Figure 4. Hα intensity (filled, black circles) and extinction-corrected I c
Hα (open,

red circles) as a function of Galactic latitude. The lines show fits to Equation (1).
The values for each latitude are the median of the values in 1◦ latitude bins in
the longitude range 320◦ < l < 340◦, with the error bars showing the median
absolute deviation about the median. The approximate instrumental sensitivity
determined by atmospheric emission lines is shown with a horizontal dotted
line. Heights z assume D = 3.5 kpc to the Scutum-Centaurus Arm.
(A color version of this figure is available in the online journal.)

the arm at l = 353◦ is at D = 3.5 ± 0.3 kpc (Drew et al. 2004).
Adjusting the Reid et al. (2014) results to use a pitch angle
ψ = 12◦ (instead of their best fit, ψ = 19.◦8 ± 2.◦6) would make
the distance to the arm at 320◦ < l < 340◦ roughly consistent
with 3.5 ± 0.3 kpc. There is additional uncertainty because
the Hα-emitting gas is not necessarily spatially coincident
with the star-forming regions traced by masers. We thus consider
the distance to be 3.5 ± 0.3 kpc and emphasize that we directly
measure the quantity D/Hn2

e
, not the scale height.

We fit Equation (1) using data above and below the plane
separately. At tan |b| ! 0.4, the Hα intensities reach the noise
level and thus are not used in the fit. The slope increases near
the plane, likely due to classical H ii regions, which have a scale
height of ≈50 pc (Gómez et al. 2001). Because this increase is
only ≈3 WHAM beams, we cannot reliably estimate the scale
height of the H ii region component here. We thus also exclude
tan |b| < 0.05 from our fit. The results are listed in Table 1
fitting the Hα data with and without the extinction correction.

We now use the measured n2
e scale height to estimate the scale

height of the WIM. Following previous authors (Reynolds 1991;
Heiles & Kulkarni 1987; Berkhuijsen & Müller 2008; Gaensler
et al. 2008), we adopt a simple model in which the electron
density is ne = nc(z) within the WIM and ne = 0 elsewhere;
the volume of the WIM is a fraction f (z) of the total volume.
Due to the approximately lognormal distribution of ne in the real
WIM, this definition of f (z) underestimates the true volume of
the WIM by a factor of ∼2 (Hill et al. 2008), but we ignore
this discrepancy here. With the assumption that f (z) is constant
with height (Haffner et al. 1999), the scale height of the WIM in
the Scutum-Centaurus Arm is Hne

= 2Hn2
e
= 0.59 ± 0.04 kpc.

However, there is no a priori reason to expect f (z) to be constant;
given the smaller scale heights of other cold and warm phases
of the ISM than that of the WIM, one would expect f (z) to
increase with height from the midplane to at least |z| = 1 kpc
(see Figure 11 in the erratum of Hill et al. 2012). Therefore,
following Gaensler et al. (2008), we assume

f (z) = f0e
+|z|/Hf (2)

and
nc(z) = nc,0e

−|z|/Hn,c , (3)

defining Hf and Hn,c as the scale heights of the filling fraction
and characteristic density and f0 and nc,0 as the midplane values.

Table 1
Scale Height Measurements

bmin bmax RG ln(I0/ R) D/Hn2
e

Hn2
e

(kpc) (pc)

Scutum-Centaurus Arm

5◦ 21◦ 5.5 1.34 ± 0.12 8.1 ± 0.4 430 ± 50
−21◦ −5◦ 5.5 1.41 ± 0.16 9.5 ± 0.6 370 ± 40

Scutum-Centaurus Arm, extinction-corrected

3◦ 21◦ 5.5 2.52 ± 0.10 10.7 ± 0.4 330 ± 40
−21◦ −3◦ 5.5 2.86 ± 0.11 13.1 ± 0.5 270 ± 30

Perseus Arm (Haffner et al. 1999)

−30◦ −15◦ 10 1.73 ± 0.19 4.91 ± 0.39 400 ± 30

Inner Galaxy, extinction-corrected (Madsen & Reynolds 2005)

−5◦ −0.◦8 6.0 4.9 ± 0.5 32+7
−10 95+30

−20

−5◦ −0.◦8 4.9 5.5 ± 0.5 33+6
−11 135+45

−25

−5◦ −0.◦8 4.1 6.3 ± 0.9 40+11
−24 150+90

−40

Notes. We have adjusted Hn2
e

for the Perseus Arm from the value reported
by Haffner et al. (1999) to account for the more recent measurement of
D = 1.95 ± 0.04 kpc toward l = 134◦ (Xu et al. 2006; Reid et al. 2014).
Madsen & Reynolds (2005) report Hne and φ1/2ne; we derive their values and
uncertainties for Columns 4–6 assuming no uncertainty in D. All scale heights
do not account for the uncertainty in D, which is likely larger than the statistical
uncertainties reported in the table.

The scale heights are then (Gaensler et al. 2008)

Hn,c =
Hn2

e
Hne

Hne
− Hn2

e

(4)

and

Hf =
Hn2

e
Hne

Hne
− 2Hn2

e

. (5)

If Hne
= 2Hn2

e
, then Hf → ∞ and Hn,c = Hne

, recovering the
uniform filling fraction result of Haffner et al. (1999).

The scale height inferred from pulsars in the interarm region
near the Sun (|b| > 40◦) is Hne

= 1.4 ± 0.2 kpc (Savage &
Wakker 2009). The Al iii column toward stars—primarily at low
latitudes and including many sightlines through the Scutum-
Centaurus Arm as well as many sightlines through interarm
regions and other arms—and toward extragalactic sources at all
latitudes yields Hne

= 0.90+0.62
−0.33 kpc (Savage & Wakker 2009).

If we assume that Hne
= 1.4 kpc in the arm as it is locally, we

find Hf = 0.51 kpc and Hn,c = 0.37 kpc in the arm. The data
are consistent with a constant filling fraction with height only if
Hne

= 0.6 kpc, the 1σ lower limit allowed by the Al iii data.
The data in Figure 4 suggest the presence of a two-component

vertical distribution of diffuse Hα-emitting gas. We separately
fit the extinction-corrected data in 5◦ < |b| < 11◦ and
11◦ < |b| < 21◦. At |b| < 11◦, we find D/Hn2

e
≈ 17.4

(corresponding to Hn2
e

≈ 200 pc), while at |b| > 11◦, we find
D/Hn2

e
≈ 8.5 (Hn2

e
= 430 pc). We will report a further analysis

of this behavior elsewhere.

6. LINE RATIO AND PHYSICAL CONDITIONS

To diagnose the physical conditions in the ionized gas, we
plot the [S ii]/Hα line ratio as a function of Hα intensity and
tan b (or height, z = D tan b) in Figure 5. The line ratio is low,
[S ii]/Hα ≈ 0.1, close to the midplane and in high Hα intensity

4

(Hill et al 2014)

(Hill et al 2014)

Table 1:

Summary
• The warm ionized medium is a universal component of star-forming galaxies, 

photoionized by massive stars.

• The WIM in spiral arms is more vertically extended in the outer Galaxy (~1 
kpc) than the inner (~200 pc).

• The combination of Hα and pulsar dispersion measurements suggest that the 
WIM scale height is lower in spiral arms than locally and that the volume fill-
ing fraction of the WIM is larger at ~1 kpc than in the disk (see also Fig. 7).

• Low-density WIM gas is likely warmer (≈8000 K) and in a lower ionization 
state than higher-density WIM gas and classical H II regions.

• Photoionization heating alone cannot explain the observed line ratio trends 
and implied temperature and ionization state of the WIM. A non-photoioniza-
tion heating source which is important at low densities could explain the ob-
servations.

Fig. 3: Map of the line ratio Hα/[S II] λ6716 intensity in the Scutum-Centaurus Arm (Hill et al 2014).

Fig. 2: Maps of Hα and [S II] λ6716 intensity in the Scutum-Centaurus Arm observed with WHAM (Hill et al 2014).
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Photoionization and heating of the ISM 3033

Figure 9. Same as Fig. 8 including additional heating G1 = 4 × 1026.
This model is now able to produce [N II]/Hα and temperatures similar to
those inferred. Here, we show [N II]/Hα line ratios only in the region that
corresponds to the Perseus Arm (|z| < 1.8 kpc).

Figure 10. Same as Fig. 8 including additional heating from cosmic rays
G3 from equation (3). Here, we show [N II]/Hα line ratios only in the region
that corresponds to the Perseus Arm (|z| < 1.8 kpc.)

the value found by Wiener et al. (2013), because our simulations
determine the actual ionization fractions, and include the spatial
variation of ionization, heating and cooling due to the 3D density,
radiation field, and temperature structure. Modelling data using our
3D photoionization code therefore provides a better estimate of the
additional heating terms required to reproduce the observed trends
in the diagnostic diagrams.

6 H OW FA R C A N P H OTO N S TR AV E L
TO IONIZE THE DIG?

How far photons are able to travel through the ISM and ionize the
DIG is a question that is important to studies not only of DIG in
galaxies, but also for the escape of ionizing photons into the inter-
galactic medium. The 3D structures in the MHD and fractal density
grids provide low-density pathways allowing ionizing photons to
reach far above the mid-plane. Fig. 11 shows a histogram of the
distances travelled by ionizing photons in the density structure pro-
vided by the MHD simulations. Some photons do indeed travel very
large distances from their sources and are responsible for ionizing

Figure 11. Histogram of distances travelled by ionizing photons through
the MHD simulation grid for ionizing luminosities Q49= 10 (black), 1 (red),
0.5 (blue).

Figure 12. Histogram showing distances travelled by all ionizing photons
(black), diffuse photons from hydrogen (red), and helium (blue) for Q49 = 1.

the gas at large |z|. The majority of the ionizing photons ionize
denser gas towards the mid-plane and only a small fraction is re-
quired to ionize the low-density high-altitude gas. Increasing the
ionizing luminosity allows photons to travel larger distances be-
cause more of the gas at low altitudes is ionized and hence presents
a very small opacity.

Our photoionization code tracks direct stellar photons and also
diffuse ionizing radiation from H and He recombination. The diffuse
ionizing radiation consists of Lyman continuum from recombina-
tions to the ground state of H and He, the He two-photon continuum,
and the 19.8 eV line from He (Wood et al. 2004). Fig. 12 shows
a histogram of the distances travelled by direct and diffuse ioniz-
ing photons and shows that the majority of the diffuse photons are
absorbed close to their location of emission (i.e. the ‘on the spot’
approximation in many photoionization codes), but some do travel
many hundreds of parsecs through the MHD density grid.

Fig. 13 shows the mean intensity of the ionizing photons in a one
pixel wide slice of the simulation box compared to the density in
that slice with positions of ‘bubbles’ marked with a star. Photons
travel primarily in the low-density regions of the grid at high al-
titude, but close to the mid-plane they travel primarily in bubbles
or structures attached to these bubbles. The brightest regions in the
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Fig. 8: Temperature and line ratio trends in numerical 
simulations incorporating photoionization in a fractal 
ISM. The top panel includes only photoionization heating 
(∝ne2). The bottom panel includes a heating term which scales 
as ne. From Barnes et al (2014).

3032 J. E. Barnes et al.

in temperature with height. However, once additional heating
(G1ne = 1.5 × 10−27 ne erg cm−3 s−1) has been added, we do
reproduce this increase. We find that this increase is larger than in-
ferred by Haffner et al. (1999), with the gas temperature increasing
to above 17 000 K at 1.75 kpc because of the very small densities
for |z| ! 300 pc in the MHD simulation. A smaller value for G1

gives lower temperatures but does not give a noticeable increase
of [N II]/Hα at low ne. There is a significant difference between
the line ratios from regions below and above the mid-plane in the
simulations and is attributed to the asymmetric density structure in
the MHD simulation (see Fig. 1).

5 FR AC TA L M O D E L O F TH E I S M

In the previous section, we have shown that photoionization models
of a turbulent ISM can reproduce general trends in Hα emission
observed in the Galactic DIG, and that to increase emission line
ratios an additional heating component is required. However, due
to the small scaleheight in the MHD simulations, the scaleheight
of Hα is smaller than observed in the Perseus Arm of the Galaxy.
As a guide for future MHD simulations of the Galactic ISM, in this
section we explore the photoionization of analytic density structures
that can better reproduce the observed average vertical distribution
of Hα intensity and emission line ratios observed by WHAM.

We adopt a smooth, four-component ISM density structure com-
prising a Dickey–Lockman distribution plus a more vertically ex-
tended component to produce the Hα emission from the DIG. To
allow ionizing photons from mid-plane OB stars to propagate to
large heights, we turn the smooth density into a 3D fractal struc-
ture using the fractal algorithm of Elmegreen (1997) as described
by Wood et al. (2005). We adopt the same five-level hierarchical
clumping algorithm, casting 16 seeds at the first level and 32 at each
subsequent level. The density structure is arranged so that 33 per
cent of the mass is smoothly distributed with the remaining fraction
in the hierarchical clumps. For further details of the algorithm, see
fig. 4 of Wood et al. (2005) and the accompanying description.

A density structure that produces the observed scaleheight of Hα

with an input ionizing luminosity of Q49 = 16 is

n(z) = 0.4e−(|z|/h1)2/2 + 0.11e−(|z|/h2)2/2

+ 0.06e−|z|/h3 + 0.04e−|z|/h4 , (2)

where the height z is measured in pc and the number densities are per
cm3. The first three components represent the Dickey–Lockman dis-
tribution shown in Fig. 1 with scaleheights h1 = 90 pc, h2 = 225 pc,
h3 = 400 pc. The fourth term represents the low-density extended
diffuse ionized gas and we take the scaleheight to be h4 = 1000 pc,
as typically inferred from Hα observations in the Galaxy.

As before, we place 24 ionizing sources in the simulation and
assign each source a T = 35 000 K model atmosphere spectrum
corresponding to an O5II star (Underhill et al. 1979).

Fig. 7 shows the edge-on view of the Hα intensity and the neutral
hydrogen column density for the fractal density structure described
above. The low-density pathways of the interclump medium al-
low ionizing photons to reach and ionize gas many kpc from the
mid-plane and the Hα intensity and [N II]/Hα line ratios shown in
Figs 8–10 are similar to observed in the Perseus Arm. This is not
surprising as we have adopted a density structure that will produce
the intensity distribution of Hα in line with the analytic results pre-
sented by Haffner et al. (1999) and Reynolds et al. (1999). While the
fractal models, with additional heating terms, reproduce many of
the features in diagnostic line ratio plots, the Hα intensity map does

Figure 7. Edge-on view of Hα intensity (left) and column density of neutral
hydrogen (right) for an analytic fractal model of the DIG.

Figure 8. Analytic fractal model of the DIG. Left: average vertical temper-
ature structure of ionized gas. Right: [N II]/Hα versus Hα for the Perseus
Arm (black) and this model (red). The vertical line represents the WHAM
sensitivity limit. Here, we show [N II]/Hα line ratios only in the region that
corresponds to the Perseus Arm (|z| < 1.8 kpc). Although this model seems
able to reproduce the observed Hα and neutral H, [N II]/Hα and temperature
are different to those expected, suggesting the need for an additional heating
term to increase temperature and [N II]/Hα at large |z|.

not exhibit the filamentary structures, loops, and bubbles present in
the MHD simulations. Therefore, the fractal models should serve
as a guide for the average density structure and additional heating
required for future MHD simulations of the ISM and DIG.

The resulting average temperature structure and [N II]/Hα versus
Hα are shown for simulations with no additional heating (Fig. 8), ad-
ditional heating proportional to ne (Fig. 9) with G1 = 4 × 10−26, and
an additional heating term to simulate cosmic ray heating (Fig. 10)
parametrized by

G3 = 1.2 × 10−29 e−3|z|/4000 pc erg cm−3 s−1, (3)

as in equation (1). This equation for cosmic ray heating was deter-
mined by Wiener et al. (2013) via analytic modelling of the [N II]
and Hα emission and assuming that N+/H+ is constant in the DIG
and assuming a 1D density structure. G3 is 100 times smaller than
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